ABSTRACT A significant fraction of mass of galaxies is provided by the dark matter. To some extent galaxies are large dense halos of the dark matter. However, dissipationless cosmological N -body simulations have been consistently failing to produce galaxy-size dark matter halos in dense environments typical for galaxy groups and clusters. This effect, known as the overmerging problem, reduces the predictive power of N -body simulations and makes difficult any comparison between models and observations. Using both analytic estimates and high resolution numerical simulations, we argue that the overmerging is mainly due to the lack of numerical resolution. We find that the force and mass resolution required for a simulated halo to survive in galaxy groups and clusters is extremely high and was almost never reached before: ∼ 1 − 3 kpc and 10 8 − 10 9 M ⊙ , respectively. We use the high-resolution Adaptive Refinement Tree (ART) Nbody code to follow the evolution of ≈ 2 × 10 6 dark matter particles with dynamic range in spatial resolution of 32, 000. We show that in these simulations the halos do survive in regions that would appear overmerged with lower force resolution. However, the halo identification in very dense cluster environments remains a challenge even with the dynamic range this high. We develop two new halo finding algorithms that are more sophisticated offsprings of known algorithms -the DENMAX and the friends-of-friends. Both of our algrorthms find practically the same halos, which are stable (existed at previous moments) and gravitationally bound. We use the maximum of halo rotation velocity and the Tully-Fisher relation to assign the luminosity to a "galaxy" associated with each of the identified halos.
INTRODUCTION
It is generally accepted that galaxies, and the large-scale structure that they trace, have formed via gravitationally driven growth of initially small perturbations. Because the dark matter (DM) represents a large fraction of the mass in the Universe, the process of galaxy formation is significantly affected and on some scales is dominated by the evolution of the dark matter. Observational indications for DM large fraction in galaxies, groups, and clusters of galaxies range from flat rotational curves for spiral galaxies (e.g., Faber, & Gallagher, 1979; Rubin et al. 1985; Persic, Salucci, & Sehl 1996; Courteau, & Rix, 1997) , X-ray emission and mass-to-light ratios of elliptical galaxies (Forman et al. 1985; Rix 1996; Brighenti, & Mathews 1997) to the gas fraction in clusters of galaxies. For galaxies the extent of the DM halos, estimated using satellite dynamics, is ∼ 0.2 − 0.5h −1 Mpc (Zaritsky & White 1994; Carignan et al. 1997) . The most convincing evidence for substantial amounts of dark matter even in the very inner regions of galaxies comes from the recent HI studies of the dwarf and low surface brightness (LSB) galaxies. The observed amounts of stars and gas in some of these galaxies can account for less than 10% of the observed rotational velocities, even on scales as small as ≈ 1kpc (e.g., Carignan & Freeman 1988; Martimbeau, Carignan, & Roy 1994; deBlok & McGaugh 1997) .
If the observed galaxies indeed have large DM halos, then N -body simulations can, in principle, be used to predict distribution of the dark matter component, to associate the simulated DM halos with galaxies, and to predict the bulk properties of these galaxies such as position, mass, and size. One should be able, then to make predictions for spatial distribution and motion of galaxies and compare thes prediction with corresponding observations. Unfortunately, the dissipationless numerical simulations have been consistently failing to produce galaxy-size dark matter halos in dense environments typical for galaxy groups and clusters (e.g., White 1976; van Kampen 1995; Summers, Davis, & Evrard 1995; Moore, Katz, & Lake 1996) . This apparent absence of substructure in the virialized objects, known as the overmerging problem, reflects the fact that simulated galaxies seem to merge much more efficiently in comparison with real galaxies in groups and clusters. In the central regions of a cluster (∼ 500 kpc ), the "overmerging" erases not only large-scale substructure, but also any trace of small halos that could be associated with "galaxies", leaving a smooth giant lump of dark matter.
The overmerging problem was traditionally explained by the lack of dissipation in N -body simulations (e.g., Summers et al. 1995) . Indeed, the DM halos are much larger than baryonic extent of the galaxies due to the dissipational nature of the latter. The radiative cooling, for example, allows baryonic component to sink into the center of the DM halo where it forms a compact, tightly bound object. In dense environments the large DM halo can be easily stripped by the tidal field of a galaxy cluster or group, whereas the more compact and denser gas clump may survive (Summers et al. 1995) . Although it is clear that to produce a realistic galaxy we need to include the energy dissipation by baryons, it does not mean that dissipation is vital for the galaxy survival in a cluster. Two arguments can be presented against the traditional explanation for the overmerging. First, if the dissipation helps galaxies to survive in clusters, then galaxies should be dominated by baryons at all scales within their visible extent. Most of the observed galaxies, however, appear to have a substantial fraction of DM inside their optical radius (e.g., Persic et al. 1996) . The survival of a galaxy dominated at its optical radius by the dark matter will depend mostly on the dark matter, not on the baryons. The DM dominated dwarfs must have been tidally disrupted in clusters, but dwarf galaxies are observed in clusters (e.g. Smith, Driver, & Phillipps 1997; Lopez-Cruz et al. 1997) . Second, as we argue in §2, DM halos are dense enough to survive inside clusters. The density profiles of dark matter halos is known reasonably well. Navarro, Frenk & White (1996) give an analytical fit that describes reasonably well the density profiles of DM halos formed in the standard cold dark matter scenario over large range of scales and masses. Knowing the form of the density profile, tidal effects, and effects of dynamical friction can be estimated analytically ( §2). We show that with sufficient numerical resolution, both in force in mass, the halos can survive and the galaxies can be successfully identified in high-density regions of galaxy groups without baryonic energy dissipation.
The required resolution is rather high: ∼ 1 − 3 kpc and < 10 9 M ⊙ for the force and mass resolution , respectively. Unfortunately, the dynamic range required to achieve such resolution is considerably higher than dynamic range of most of the cosmological simulations that were done so far. We also show that even in the case of sufficient resolution, when halos do survive, the identification of the DM halos in the cores of galaxy groups and clusters remains a challenge. In the environments that dense most of halo's dark matter will be be tidally stripped, which makes it difficult to identify the leftover on the very dense, smooth background of high-velocity dark matter particles streaming around and through the halo.
We estimate what resolution (both force and mass) is needed to "see" galaxies in N − body simulations. It is very high: 1-3 kpc for the force and less then 10 9 M ⊙ for mass per particle. Unfortunately, the dynamical range of most cosmological simulations is inadequate to follow "galaxies" in dense environment of clusters. The situation is even worse. One needs a rather sophisticated algorithm of finding dark halos. Halos can be easily overlooked even if the resolution is sufficient. Because most (∼ 90%) of dark matter of a halo will be be tidally stripped, it is very difficult to identify what is left of the halo on the background of very dense, high velocity field of dark matter particles streaming around and through the halo.
We argue, nevertheless, that the resolution can be achieved and that the halos can be successfully identified even in high-density regions with appropriate halo finding algorithms. We present results of high-resolution simulations with a dynamic range of ∼ 32, 000 and a mass resolution of ∼ 10 8 h −1 M ⊙ . We identify many distinct and gravitationally bound halos even in the central ragions of galaxy groups (10 13 − 10 14 M ⊙ ) that would appear to be overmerged with lower force resolution. The high spatial and mass resolution of the simulations allows us to construct reliable rotation curves of our halos and determine the maximum rotational velocity.
We then use the observational Tully-Fisher relation to estimate luminosities of the "galaxies" that would be associated with these halos. We estimate the luminosity function of the galaxies in the simulations and mass-to-light ratios of galaxy groups. We find that the ΛCDM model (Ω 0 = 0.3, h = 0.7, σ 8 = 1) can reproduce reasonably well both the luminosity function of the CfA catalog (Marzke et al. 1994 ) and the observed mass-to-light ratios of galaxy groups M/L B ≈ 200h −1 . The CHDM model fits the observed luminosity function somewhat worse, but still is in agreement with the data. The main difference between the two models is in the luminosity function. In the case of the CHDM model, it is about twice higher than that in the CfA catalog or in the ΛCDM model.
In §2 we present analytical estimates for tidal disruption of dark matter halos in groups and clusters. Numerical simulations and cosmological models are discussed in §3. In §4 we present two halo finding algorithms developed to handle the halos in very dense environments. Results are presented in §5 and discussed in §6.
TIDAL DISRUPTION OF HALOS
There is a number of processes which potentially contribute to the overmerging problem and to the erasure of substructure in clusters and groups (e.g. van Kampen 1995 , Moore et al. 1996 . Some of these effects are purely numerical (e.g., two-body evaporation or particle-halo heating), others, however, are real physical effects (e.g. dynamical friction or tidal stripping). The latter operate even if the resolution is arbitrary high. Tidal force of the cluster and close encounters of individual dark halos result in effective stripping of the periferial parts of the halos. Two-body relaxation can result in evaporation of halos, if the number of particles in a halo is too small. Halos tend to spiral down towards the center of the cluster due to the dynamical friction. Not all of the effects appear to be significant. Encounters of individual halos happen at very high velocities when the interaction between halos is not efficient. Tidal stripping due to close encounters is estimated to be smaller than the tidal stripping due to interaction with the cluster potential (Moore et al. 1996) . Two-body evaporation can be made negligible by increasing the number of particles. Dynamical friction can be important for some halos and is probably responsible for the presence of massive central cD galaxies (e.g., Merritt 1985) . It may contribute to the overmerging because in the cases when dynamical friction time is less than the Hubble time (poor clusters), it drives massive halos and subclumps to the cluster center, thus erasing the substructure.
The prime reason for the erasure of the substructure in clusters is the tidal interaction of individual halos with the cluster potential. This can be now estimated reliably, without assuming that halos are isothermal spheres or have King profiles, as was typically the case in the past (Moore et al. 1996) . The density profiles of dark matter halos is well known for a large range of masses and for a variety of cosmological models (e.g. Navarro et al. 1995 Navarro et al. , 1996 Navarro et al. , 1997 There is no freedom left in this respect. For illustration we take the Ω = 1 CDM model with h = 0.5. The ΛCDM (Ω 0 = 0.3) model predicts the same profiles, if the the overdensity of a collapsed object is adjusted properly to take into account the change in Ω (Lahav et al. 1991; Kravtsov et al. 1997) . The density profile is given by
where r s and ρ 0 are the characteristic radius and density of the halo, M vir is the virial mass, r vir is the virial radius, and C is the concentration for a halo defined as follows:
Here, ρ cr is the critical density of the Universe and δ th is the overdensity (δρ/ρ matter ) of a collapsed object according to the top-hat model of spherical collapse. For the CDM model δ th ≈ 200. Note that our definition of r vir differs from that used by Navarro et al. (1995 Navarro et al. ( , 1996 who use δ th = 200 for all cosmological models. We use values predicted by the top-hat model which gives, for example, δ th ≈ 340 for the ΛCDM model with Ω 0 = 0.3.
The concentration C is a function of mass M vir . In the case of the CDM model
Typical values for the concentration C range from C ≈ 17 for M vir = 10 et al. 1996) . Using these definitions we can write mass M (r), orbital frequency Ω(r), and gravitational potential φ(r):
In some cases it is more convenient to define properties of halos by using maximum rotational velocity V max = (GM/r)| max , which is an observable quantity, instead of the concentration C and the virial mass M vir . For profile eq.(1) the maximum of the rotational velocity occurs at to r max ≈ 2r s . This gives
where V esc is the escape velocity at the distance r from the cluster center.
The tidal radius, r t , of a small halo with mass m and maximum rotational velocity v max moving at a radius R from the center of a large halo with mass M (R) and V max , is the minimum of two radii: (1) a radius at which the gravity force of the small halo F grav is equal to the tidal force of the large halo F tide , and (2) a radius defined by the resonances between the force the small halo exerts on the particle and the tidal force by the large halo. If R is the distance between the centers of the halos and r is the distance of a particle from the center of the small halo, then the condition F grav (r) = F tide (r; R) gives an equation for the tidal radius r t :
The last equation can be solved numerically.
It was argued (e.g., Weinberg 1994ab, 1997 ) that effective tidal stripping can occur at smaller radius defined by resonances between the force the small halo exerts on the particle and the tidal force by the large halo. We assume that stripping mainly happens at primary resonance Ω(r) |small = Ω(R) |large . This leads to the following equation for the tidal radius:
We take the smaller of the two estimates of r t . For x R > 2.2 the tidal radius is defined by the equal force condition. At smaller distances the orbital-internal resonance defines the tidal radius. Figure 1 shows tidal radii and masses within the tidal radius for halos at a given distance from the center of a group of galaxies with mass 10 13 h −1 M ⊙ (a) and 10 14 h −1 M ⊙ (b). In the Figure the mass of a dark halo M galaxy is the mass M vir of the unstripped halo, i.e. mass before the halo entered the group. As the halo moves into the group, its tidal radius decreases, and so does its mass. Even at large distances from the group center (R > 200h −1 kpc) the halo radius changes significantly. For example, a halo with M vir = 10 12 h −1 M ⊙ and r vir = 163h −1 kpc at
−1 kpc from the center of 10 13 h −1 M ⊙ group lost only 20% of its original mass, but its radius decreased by a factor of two. The mass inside the tidal radius m(r t ) changes with R much slower m ∝ R 0.3−0.5 than it would for the isothermal distribution for which we expect m ∝ R. This is because the halos with profile eq.(1) are more centrally concentrated ρ halo ∝ R −3 than isothermal halos (ρ iso ∝ R −2 ). Note that the central cusp in eq.
(1) does not play a role in the survival of halos at large distances: r s is smaller than the tidal radius r t . At smaller distances (R < ∼ 2.2R s ) the tidal radius and mass decrease faster because the halo is close to the central cusp of the group and the orbital-internal resonance defines the tidal stripping: m ∝ R. It is likely that we overestimate the effect of tidal destruction at these distances because the tidal radius is small ∼ 10h −1 kpc and the baryonic component cannot be neglected. At the same time, whether halos survive or not, they already have lost 90% of their mass when they get to R < ∼ R s .
Thus, dark matter halos must survive inside groups of galaxies unless they come too close to the center. For a 10 14 h −1 M ⊙ cluster, this distance is (50-70)h −1 kpc, which is comparable to the size of a giant central galaxy. The halos at larger distances lose a large fraction of their mass, but they should be able to retain their identity even without the additional baryonic dissipation. The situation is different if the numerical resolution is not sufficient. The survival of a particular halo will depend on both the mass and the force resolution. An optimistic estimate would be that a halo should consist of at least 10 particles and at least two resolution elements per tidal radius.
As an example, we consider a rather typical simulation with mass of a particle 10 10 h −1 M ⊙ and the resolution 30h −1 kpc (e.g., Gelb &Bertschinger 1994; Ma & Bertschinger 1995; Tormen 1996) . With this resolution one would naively hope to find "galaxies" with mass ≈ 10 11 h −1 M ⊙ -the virial radius of a halo with this mass is more than twice larger than the force resolution. But the top panel in Figure 1 (b) indicates that halos with this initial virial mass cannot be found inside a cluster with mass 10 14 h −1 M ⊙ -due to the lack of mass resolution they lose so much of their mass that they are destroyed by the tidal force. The mass resolution of these simulations was sufficient to find what is left of a halo with 3 × 10 11 h −1 M ⊙ at distances > ∼ 80h −1 kpc. However, the lack of the force resolution resulted in erasure of even very large "galaxies" with virial mass 10 12 h −1 M ⊙ up to the distances of 300h −1 kpc: tidal radii r t (bottom panel in Figure  1b ) are smaller than two resolution elements. In these simulations, the cluster will look like an "overmerger".
But even a considerably better resolution may not be sufficient, if we deal with a really massive cluster. For example, Carlberg (1994) simulated a 2.2 × 10 15 h −1 M ⊙ cluster using particles with mass 2.27 × 10 9 h −1 M ⊙ and the Plummer force softening ǫ = 9.7h −1 kpc. According to Gelb & Bertschinger (1994) , the effective resolution for the Plummer force is 2.6ǫ. This gives the resolution ≈ 25h −1 kpc, which we use as a limit on the tidal radius of resolved halos. Analysis of tidal radii for a cluster of this mass shows that due to the insufficient force resolution, no halos should exist at distances smaller than < ∼ 290h −1 kpc. Halos with mass M vir < 10 11 h −1 M ⊙ should be tidally destroyed at R = 590h −1 kpc. This is consistent with what Carlberg (1994) found in his simulation.
What resolution is required for halos to survive? The answer depends on the mass of the cluster and on the mass of the halo one would like to resolve. The force resolution must be (significantly) smaller than the minimal tidal radius of a halo. For a 10 14 h −1 M ⊙ cluster the tidal radius for a massive halo
−1 kpc. The force resolution should probably be better than 3h −1 kpc to keep the halo in the cluster. Because the halo at this distance looses 80%-90% of its original virial mass, and because realistically one needs at least 20-30 particles to find a halo, the mass per dark matter particle should be smaller than ≈ 10 9 h −1 M ⊙ . Detailed parameters depend on a particular halo finding algorithm. To some extent, the lesson is clear. In order to resolve a galaxy the force resolution must be much smaller than its radius and the galaxy must be represented by many particles. For a typical large galaxy of the mass 10 11 M ⊙ and radius 10kpc the resolution must be of (0.5 − 3)kpc and mass per particle must be < ∼ 10
The dynamical friction is another effect that contributes to the erasure of the substructures. This is not a numerical effect, but by driving galaxies to the cluster center where they will be tidally destroyed, it can enhance numerical effects. The dynamical friction time for a small halo with mass m moving on a circular orbit of radius R around the large halo can be estimated using the Chandrasekhar's formula (Binney& Tremain 1987) with assumptions of a Maxwellian isotropic distribution of velocities of the DM particles, and "hydrostatic equilibrium". The rate of the orbital radius decay due to the dynamical friction is given by
For the density profile eq.(1) we have d ln ρ/d ln R = −(1 + 3x)/(1 + x), where x = R/R s . The last of the equations (8) can be rewritten as an equation for the velocity dispersion:
The solution of the equation is
Here σ 0 is the 1D velocity dispersion at R = R s . The velocity dispersion σ r has a maximum σ r ≈ σ 0 at R ≈ 0.8R s . It declines on smaller and larger radii, but the maximum is very flat: σ r ≈ 0.78σ 0 at R = 0.1R s and σ r ≈ 0.69σ 0 at R = r vir . Equations (8) and (10) define the dynamical friction time, which is presented in Figure 2 for different masses of clusters and halos. For a given halo, the dynamical friction time decreases as the halo moves into the cluster because the density of cluster increases.
In general, the results are hardly surprising. Dynamical friction in rich clusters M vir ≈ 10 15 h −1 M ⊙ is negligible except for a few most massive galaxies. For poor clusters and groups with M vir < ∼ 10 14 h −1 M ⊙ , the friction time is short as compared with the Hubble time. Adding the baryons would only shorten the friction time. If a group exists for a sufficiently long time and the accretion of new galaxies into it is small, the dynamical friction would produce an object that would look like an overmerger -a giant central galaxy with no other galaxies in the group. The epoch of formation and the growth rate of groups depends on the parameters of a cosmological model. Thus, if resolution is sufficient to make the numerical effects negligible, excessive overmerging for groups and poor clusters should indicate that the cosmological model is wrong.
SIMULATIONS
We simulate the evolution of 128 3 particles in two cosmological models: a model with cosmological constant (ΛCDM) and a model with a mixture of cold and hot dark matter (CHDM). The ΛCDM model is a flat cosmological model with the density of the matter Ω 0 = 0.3 and the Hubble constant H 0 = 70km/s/Mpc. It is normalized to be consistent with present abundance of clusters: σ 8 = 1.0. The CHDM model has H 0 = 50km/s/Mpc; Ω ν = 0.2 is equally split between two types of neutrino (Primack et al. 1995) . The model is normalized to σ 8 = 0.70, again roughly compatible with the clusters abundance . Both simulations are done with the same set of initial random numbers in order to reduce effects of the cosmic variance.
To get the sufficiently high mass resolution, the sizes of the simulation boxes are chosen to be rather small -15h
−1 Mpc and 30h −1 Mpc. With 128 3 particles in the 15h −1 Mpc box this corresponds to m 1 = 1.33 × 10 8 h −1 M ⊙ mass per particle in the ΛCDM model, and three times larger in the CHDM model. If we assume that > ∼ 30 particles is needed to identify a halo, we expect to find "galaxies" as small as 4 × 10 9 h −1 M ⊙ . This corresponds to 4 × 10 10 h −1 M ⊙ halo before tidal stripping, if 90% of mass was stripped by the cluster.
The simulations are done using the Adaptive-Refinement-Tree (ART) code (Kravtsov et al. 1997) . The code uses a 256 3 homogeneous mesh on the lowest level of resolution and seven levels of refinement for the 15h −1 Mpc box. Each refinement level doubles the resolution. The seventh refinement level corresponds to the dynamical range of 32,000 and the resolution of ∼ 0.5h −1 kpc. The run with the 30h −1 Mpc box has six levels of refinement and its resolution is ∼ 2h −1 kpc. The code makes refinements on a given level L if the number of particles in any cell of this level (as estimated by the cloud-in-cell method) exceeds some threshold N th (L). The threshold is N th = 5 for high levels and N th = 10 is set for low levels L = 0, 1 (Kravtsov et al. 1997) . This choice of thresholds ensures that refinements are introduced only in the regions of high-particle density and prevents the two-body relaxation effects. The increase in spatial resolution corresponding to each successive refinement level is accompanied by decrease of the integration time-step by a factor of 2. The simulations were started at z = 30 when the rms of the density fluctuations in the simulation box was δ ≈ 0.27 − 0.32. Particle trajectories were integrated with the time step of ∆a 0 = 0.0015 on the zero level uniform grid, and with time step ∆a L = ∆a 0 /2
L on a refinement level L. This gives an effective number of steps of 82,000 on the seventh level of refinement.
HALO IDENTIFICATION
Finding halos in dense environments is a challenge. The most widely used halo-finding algorithms: the friends-of-friends (e.g., Davis et al. 1985) and the spherical overdensity algorithm (e.g., Lacey & Cole 1994; Klypin 1996) -are not acceptable (Gelb & Bertschinger 1994 , Summers et al. 1995 . The friends-of-friends (FOF) algorithm merges together apparently distinct halos if linking radius is too large or misses some of halos if the radius is small. Adaptive FOF (van Kampen 1995) seems to work better. But we find that it is difficult to find an optimal scaling of the linking radius with the density. We develop a related algorithm, which we call "hierarchical friends-of-friends". Because it uses all linking radii, it does not have the problem the adaptive FOF algorithm has. The algorithms, either adaptive or hierarchical, can not work because they pick up many fake halos in very dense environment. We supplement our hierarchical FOF algorithm with an algorithm which checks if halos existed at previous moments. The algorithm which finds halos as maxima of mass inside spheres of a given overdensity works better than the plain FOF, but no fixed overdensity limit can find halos in both low and high density environment. DENMAX algorithm (Bertschinger & Gelb 1991 , Gelb & Betschinger 1994 or its offspring SKID, (Governato et al. 1997 ) make a significant progress -they remove unbound particles, which is important for halos in groups and clusters. Potentially DENMAX can assign to a halo an unrelated particle from a very large distance. Recently, Summers et al. (1995) tried to perfect the idea of Couchman & Carlberg (1992) to trace the history of halo merging and to use it for halo identification. Starting at an early epoch, Summers et al. identify halos using the FOF algorithm with linking radius corresponding to the "virial overdensity" of 200 and then trace particles belonging to halos at later times. It appears that it is impossible to make a working algorithm. Halos interact too violently. A large fraction of mass is tidally stripped from some halos. And a large fraction of mass is accreted. Because of the problems with the "direct approach" (from past to the future), we have decided to confine ourselves to an easier and more relevant problem. Instead of asking the question "where is now the halo that collapsed at some earlier epoch", we ask "did the halo that we find at present exist at an earlier time?".
Some of the problems that any halo finding algorithm faces are not numerical. They exist in the real Universe. We select few most typical difficult situations.
(i) A large galaxy with a small satellite. Examples: LMC and the Milky Way or the M51 system. Assuming that the satellite is bound, do we have to include the mass of the satellite in the mass of the large galaxy? If we do, then we count mass of the satellite twice: once when we find the satellite and then when we find the large galaxy. This does not seem reasonable. If we do not include the satellite, then the mass of the large galaxy is underestimated. For example, the binding energy of a particle at the distance of the satellite will be wrong. The problem arises when we try to assign particles to different halos in the effort to find masses of halos. This is very difficult to do for particles moving between halos. Even if a particle at some moment has negative energy relative to one of the halos, it is not guaranteed that it belongs to the halo. The gravitational potential changes with time, and the particle may end up falling onto another halo. This is not just a precaution. This actually was found very often in real halos when we compared contents of halos at different redshifts. Interacting halos exchange mass and lose mass. We try to avoid the situation: instead of assigning mass to halos, we find the maximum of "rotational velocity", GM/R, which is observationally a more meaningful quantity. But we cannot say what is the mass of a halo.
(ii) A satellite of a large galaxy. The previous situation is now viewed from a different angle. How can we estimate the mass or the rotational velocity of the satellite? The formal virial radius of the satellite is large: the big galaxy is within the radius. The rotational velocity rises all the way to the center of the large galaxy. In order to find the outer radius of the satellite, we analyze the density profile. At small distances from the center of the satellite the density steeply declines, but then it flattens out and may even increase. This means that we reached the outer border of the satellite. We use the radius at which the density starts to flatten out as the first approximation for the radius of the halo. This approximation can be improved by removing unbound particles and checking the steepness of the density profile in the outer part.
(iii) Tidal stripping. This is not a numerical effect and is not due to a "lack of physics". Very likely this is what happens to real galaxies in clusters. Their peripheral parts, responsible for extended flat rotation curves outside of clusters, are lost when the galaxies fall into a cluster. Thus, if an algorithm finds that 90% of mass of a halo identified at early epoch is lost, it does not mean that the halo was destroyed. This is a normal situation. What is left, given that it still has a large enough mass and radius, is a galaxy.
HIERARCHICAL FRIENDS-OF-FRIENDS ALGORITHM
We use the FOF algorithm with increasing linking length starting from a small value l vir /8 and proceeding by doubling the linking length: l = l vir /4, l = l vir /2, and l = l vir . We call l = l vir the lowest (with respect to the overdensity) level and l = l vir /8 the highest level. The linking length l vir corresponds to the virial overdensity of an object (overdensity of 200 and 340): l vir = 0.2 of the mean particle distance for SCDM and CHDM models, and l vir = 0.17 for ΛCDM (e.g., Lahav et al. 1991; Kitayama & Suto 1996) . For our halos the smallest linking length, l = l vir /8, corresponds to an overdensity of ≈ 10 5 . At each level of the hierarchy every identified cluster of particles (halo candidate) is marked if none of its particles belongs to a marked higher-level cluster. Finding halo candidates at highest possible level is important because some of higher-level clusters merge into larger halos at lower levels. If clusters are not marked at the highest level, some of the halo candidates, residing in the larger halos, can be lost. We find a lot of subclumps on all levels in the large halos, defined on the lowest level of the hierarchy l vir . The lower panel in Figure 3 shows an example of a halo found with a large linking radius l vir . Many compact and dense clumps can be clearly seen inside the halo. The top panel shows particles of the halo at the redshift z = 1. Note the change in the scale; at that moment the group has not yet collapsed. It consists of at least three large groups and many normal galaxy-size halos.
Next we run the FOF algorithm with the same set of linking lengths using positions of particles at z = 1. We use the information at z = 1 to identify "stable" halos as galaxies. We select the two most massive progenitors of each halo and check whether they combined contain more than a threshold of particles of the halo at z = 0. We search these progenitors on the lower level of hierarchy to take into account the fact that the size of an unevolving object at z = 1 doubles in comoving coordinates. The level is not reduced if it reaches the virial overdensity. We sum the two most massive progenitors in order to allow one major merging. In fact, there are practically no cases where the masses of three progenitors were of the same order of magnitude. We used the thresholds 70%, 50% and 30% of mass of the halo at z = 0. The threshold 70% is too high: in many cases halos accrete more than 30% of their mass between z = 1 and z = 0. The algorithm would fail to find many halos with this threshold. But there are little differences in the number of identified halos using thresholds of 30% and 50%. However, the algorithm would not find the most massive and the most dense halos in the center of the large groups because the mass of those halos increases substantially between z = 1 and z = 0 due to merging with small halos and accretion of single particles. To avoid this, we also include halos which contain more than a minimum number (100-500) of particles at z = 1. We found that the result almost does not depend on the chosen number because at z = 1 these progenitors contain already considerably more particles.
The code checks also whether the particles found in the progenitor represent a substantial fraction of its mass. The importance of this criterion is clear from the following example. Close to the very massive and very dense halos the FOF algorithm finds many small lumps. At an earlier moment, all of these small lumps belong to the same progenitor of the massive cluster around which they were found at z = 0. Each lump, however, represents only a tiny fraction of the progenitor. To avoid misidentifications the algorithm accepts only halos whose particles represent a substantial fraction of the mass of that progenitor. We used values of 10% and 30% as thresholds for the mass fraction of the progenitor . Results are not sensitive to the particular choice of the threshold. Both criteria (total mass and mass fraction of the progenitor) result in selection of stable halos.
An example of the halo identification in very dense environment is presented in Figure 4 . In the top left panel it shows the inner part of the same group with the triangle denoting the position of the identified extended massive central "galaxy" of the group. The points surrounded by circles represent dark matter particles in five identified halos at the level l vir /8 (overdensity ≈ 10 5 ). These halos are very close to the central "galaxy", i.e. due to projection effects they could not be seen in Fig. 3 . Points without circles show fake halos (flukes): the halos are found by the FOF algorithm at this level, but they do not satisfy the fraction of progenitor criterion. Bottom left panel shows position of dark matter particles of the fake halos at z = 1, while the "real halos" are shown in the bottom right panel. Most of particles of the five "real halos" are in very compact halos, whereas the fake halos are very puffy. Most of the particles of the fake halos belong to the three largest progenitors of the whole group seen in the top panel of Figure  3 , and they represent a very small fraction of the progenitors.
BOUND DENSITY MAXIMA ALGORITHM
We also use another halo-finding algorithm, which stems from the DENMAX algorithm (Bertschinger & Gelb 1991 , Gelb & Betschinger 1994 . Just as the DENMAX, our algorithm first finds positions of the density maxima on some scale and then removes unbound particles inside the halo radius. However, the algorithm finds maxima and removes unbound particles in a way different from the DENMAX. The algorithm can work by itself or in conjunction with the hierarchical FOF. In the latter case, it takes positions of halos from the hierarchical friends-of-friends, and then removes unbound particles and finds parameters of halos.
In order to find positions of halos we choose a radius r sp of a sphere for which we find maxima of mass. This defines the scale of objects we are looking for, but not exact radii or masses of halos. Radius of a halo can be either larger or smaller than r sp . For example, if we are interested in galaxy-scale halos, it is reasonable to choose r sp =∼ (10 − 15)kpc. If we search for galaxy groups, an appropriate choice is r sp ∼ (200 − 300)kpc. Then we place a large number of the spheres in the simulation box. The number of the spheres is typically an order of magnitude or more larger than the number of expected halos. For each sphere we find the mass inside the sphere and the center of mass. The center of the sphere is displaced to the center of mass and the new mass and the center of mass is found. The process is iterated until convergence. Depending on specific parameters of the simulations, the number of iterations ranges from 10 to 100. This process finds local maxima of mass within r sp . Some of the maxima will be found many times. We remove duplicates and keep only one halo for each maximum. Halos with too small number of particles (typically 5-10) and halos with too low central overdensity are removed from the final list.
Once centers of potential halos are found, we start the procedure of removing unbound particles and finding the structure of halos. We place concentric spherical shells around each center. For each shell we find mass of the dark matter particles, mean velocity, and the velocity dispersion relative to the mean. In order to determine whether a particle is bound or not, we estimate the escape velocity (eqs.5) at the position of the particle. If velocity of a particles is larger than the escape velocity, it is assumed to be unbound. We estimate the maximum rotational velocity V max and radius of the maximum r max = 2r s using the density profile for the halo. Because V max and r max must be found before the unbound particles are removed and because the mean velocity is also found using all particles (bound and unbound), the whole procedure can not be done in one step. We start by artificially increasing the value of the escape velocity by a factor of three. Only particles above the limit are removed. We find new density profile, new mean velocities, new V max and r max . The escape velocity is again increased, but this time by a smaller factor. The procedure is repeated 6 times. The last iteration does not have any extra factors for the escape velocity.
Removal of unbound particles and gentle handling of halos is important in the case when a halo with a small internal velocity dispersion moves inside a large group. For example, if a halo with a circular velocity 100 km s −1 moves with velocity 500 km s −1 inside a group, a dark matter particle bound to the group has kinetic energy 25 times larger than the kinetic energy of a particle of the halo. Even if only 1/10th of particles within the halo radius belong to the group, the whole halo will have positive energy and will be treated as fake. Removal of unbound particles salvages the halo even if the real halo particles constitute as little as 1/4 of the total number of particles within the halo radius. This estimate is valid in the case of a compact halo moving through homogeneous field of high velocity particles of the group. The situation is worse if the particles of the high velocity field are very lumpy. The worst case is the collision of two equal mass halos. At the moment when the halos overlap, the code does not find any bound component -both halos are missed. The chance of such event is very small because the distance between centers of halos should be smaller than (10-15) kpc. Figure  6shows typical examples of medium and large "galaxies".
LUMINOSITY FUNCTION OF GALAXIES AND M/L IN GROUPS
The observed tight correlation between the 21-cm line width W ≈ 2V circ and infrared luminosities for spiral galaxies (e.g., Aaronson & Mould 1983; Bureau, Mould, & StaveleySmith 1996; Willick et al. 1996; Giovanelli et al. 1997) can be used to estimate luminosities of galaxies in N -body simulations. This is the best one can do at present. Neither hydrodynamical simulations with supernovae feedback (e.g. Elizondo et al. 1997) , nor semianalytical models (e.g. Kauffmann, White & Guiderdoni 1993 , Kauffmann et al. 1996 are reliable enough to produce independent theoretical predictions for galaxy luminosities. At best they can reproduce the observed Tully-Fisher relation ( Elizondo et al. 1997) . Unfortunately, the observed Tully-Fisher relation is not defined as accurately as one would hope for. This is especially true for galaxies with low luminosities. In this paper we apply the Tully-Fisher relation to galaxies with absolute blue magnitudes m B ≤ −15. But it should be kept in mind that there may be significant systematic deviations for small galaxies with m B > −17.
Elliptical galaxies pose another problem. The Faber-Jackson relation indicates that velocity dispersion (and thus the dark matter mass) can be used to estimate luminosity. However, the relation is not very tight. In principle, by tracing the merging history of each halo, we can make more realistic estimates of the star formation rates and the luminosities. In this paper, we use a simple but not unreasonable prescription. We assume that an elliptical galaxy is ∼ 1 magnitude dimmer than a spiral galaxy with the same velocity. This is motivated by the fact that ellipticals have 2.5-3 times larger mass-to-light ratios than spirals. Because the fraction of ellipticals is only significant at the the high and low mass extremes of the mass function, we assume that all galaxies with V circ > 350 km s −1 are ellipticals and that 1/2 of all galaxies with V circ < 80 km s −1 are ellipticals too. Halos in the "grey area" V circ = (200 − 350) km s −1 have a gradually increasing probability to be an elliptical: 1/3(V /200km/s) 2 .
In order to estimate luminosities of "galaxies" using their rotational velocities V circ = GM (< r)/r, we use the following Tully-Fisher relation in the I-band: M I − 5log(h) = −21.0 − 6.8(log W − 2.5). The slope of the relation is taken from Willick et al. (1996) for field spirals. The zero point was taken from Giovanelli et al. (1997) . The I-band magnitudes were shifted to the blue magnitudes: M B = M I + 1.5 (Pierce & Tully, 1992) . Because rotational velocities in observations are never measured at large galactocentric distances, we set an upper limit of r max < 50h −1 kpc for the radius of the maximum of the rotational velocity. In the case of the ΛCDM model, the results are not sensitive to this limit because the maximum occurs at smaller radii. Figure 7 shows the luminosity function of galaxies identified in our two ΛCDM simulations. The solid circles show results for the 15h −1 Mpc box. There is a significant tail of low luminosity galaxies (B J > −16.5), which is also present in the CfA luminosity function (Marzke et al. 1994 ; see also Lopez-Cruz et al. 1997 ). The simulation with larger box 30h −1 Mpc (open circles) has insufficient mass resolution to probe the low mass tail of the luminosity function. But the results are reasonably consistent for brighter galaxies. In the magnitude range of magnitudes B J = −17 − 20, the luminosity function of galaxies in the simulations is the most reliable. The results do not depend on the assumed fraction of ellipticals or on the maximum allowed radius for the rotational velocity. The number of galaxies in each bin is also significant. The first bin of the 30h −1 Mpc simulation at M = −21.45 has 8 galaxies; the bin at M = −17.8 has 350 galaxies. The luminosity function in the ΛCDM model in this range of magnitudes is systematically lower by a factor of 1.5-2 that the CfA luminosity function. This may be more consistent with deeper samples, which give lower normalization for the luminosity function (e.g., Loveday et al. 1992) .
The luminosity function of galaxies in the CHDM simulation is significantly higher than both ΛCDM and CfA luminosity functions. With the same set of parameters as for the ΛCDM model, the luminosity function in the CHDM model was higher by a factor of 4-5 than the luminosity function in the CfA catalog. In order to reconcile the model with the observational data, we reduced the limit on the radius for the rotational velocity to r max = 25h −1 kpc and raised the fraction and the limiting magnitude for small elliptical galaxies. Figure 8 shows the best luminosity function of galaxies in the CHDM simulation that best matches the CfA luminosity function. It is still systematically higher than the CfA luminosity, but it might be acceptable because of small volume of the simulation.
Figures 9 and 10 present different properties of groups of galaxies in the models. Centers of the groups have been found using search radius of r sp = 0.250h −1 M pc. No removal of unbound particles was done for the groups. Radius of groups was found at the overdensity 200 limit for the CHDM model and the overdensity 340 for the ΛCDM model. The results clearly indicate that the M/L ratio increases with the mass of the group. There is an indication that for large groups the M/L ratio flattens at the level of ≈ 300h
Figures 9and 10also show that there is no any indication for velocity bias: on average, for objects > ∼ 10 13 h −1 M ⊙ the rms velocities of galaxies and dark matter particles are equal.
Figures 11 and 12 show correlation functions of galaxies and dark matter in the simulations. The correlation function is clearly affected by the finite box size. But what is interesting is the relative behavior of the dark matter and galaxies. At very small scales (less than 100h −1 kpc) the galaxies are more clustered (biased) relative to the dark matter. But at larger scales the effect is the opposite: galaxies are slightly antibiased. This is observed in all simulations and it is valid for all limits on masses of galaxies. The large-box simulation (Figure 12 ) indicate that on scales larger than 1h −1 Mpc "the light traces mass": the dark matter and the galaxies have the similar correlation function. The antibias of galaxies on 100h −1 kpc − 1h −1 Mpc scales is very likely related with the tidal destruction and dynamical friction of galaxies in groups. The 100h
Mpc range is the range where we expect that both of these processes work.
CONCLISIONS
It appears that the overmerging problem -the lack of "galaxies" inside simulated groups and clusters -is mostly due to inability of a numerical code to keep galaxy-size halos from being disrupted primarily by the tidal forces of the group or cluster. We estimate the resolution needed to prevent the halo disruption. With sufficiently high resolution we were able to find ∼ 50 "galaxies" in a group with 10 14 h −1 M ⊙ . Energy dissipation by the baryonic component clearly helps galaxies to survive in clusters, but at distances larger than (50 − 70)h −1 kpc from the cluster center the gravity of the dark matter alone is enough to keep them alive.
The luminosity function of "galaxies" in the ΛCDM model reproduces the luminosity function of the CfA catalog (Marzke et al. 1994) reasonably well. Both the simulations and the CfA catalog have an upturn in the number of faint galaxies (m B > −17). However, magnitudes of faint "galaxies" in the simulations rely on a highly uncertain extrapolation of the Tully-Fisher relation and on uncertain assumpition about the fraction of elliptical galaxies. The number of "galaxies" predicted by the CHDM simulation was significuntly higher than in the case of the ΛCDM simulation with the same initial random numbers. We failed to produce as nice fit to the observational data as for the ΛCDM simulation. If we decrease the galaxy luminosity even further, the mass-to-light ratios of galaxy group start to contradict severely the observational data. At this stage it is difficult to judge if this is a significunt problem for the model or not. Because our small-box simulations do not have room for giant voids, one may argue that simulations with a large box will tend to produce lower luminosity function keeping at the same time the M/L of galaxy groups. Larger simulations are needed to clarify the situation.
The mass-to-light ratios of galaxy groups in the simulations ∼ (200 − 400)h −1 reasonably well match observational results. It was argued (e.g., Bahcall, Lubin, & Dorman 1995) that dynamics of galaxy groups favors the low-Ω Universe. It does not seem to be the case. The CHDM model has Ω = 1 and it gives reasonable M/L ratios. The "galaxies" in the CHDM model are not more clustered than the dark matter. So, one can not save the argument for a low-Ω Universe by assuming that groups in the CHDM model have too large fraction of galaxies. It seems that groups occupy too small fraction of the volume and thus their M/L ratios are not representative for the Universe as a whole.
Comparison of the correlation functions of "galaxies" and the dark matter indicate that "galaxies" are antibiased on 100 kpc -1 Mpc scales. The antibias of the magnitude 0.7-0.9 found in the simulations is needed for the ΛCDM model to be compatible with observational data on the power spectrum in the range of wavenumbers k = (0.1 − 1)hMpc −1 (Klypin et al. 1996; . We attribute the antibias to the dynamical friction in groups of galaxies. The friction tends to drag some galaxies to the very central part of groups where they merge the central galaxy and disappear. This results in lowering of the abundance of galaxies relative to the dark matter at peripheral parts of groups.
We thank Joel Primack for discussions and comments. We are grateful to Avishai Dekel for providing us with computer resources at the Hebrew University. This work was funded by NSF grant AST-9319970 and NASA grant NAG-5-3842. SG acknowledges support from Deutsche Akademie der Naturforscher Leopoldina with means of the Bundesministerium für Bildung und Forschung grant LPD 1996. Our simulations were done at the National Center for Supercomputing Applications (Urbana-Champaign, Illinois) and on a Power Challenge supercomputer at the Hebrew University. Figure 1 Tidal radii and masses within the tidal radius for halos at a given distance from the center of a group of galaxies with mass 10 13 h −1 M ⊙ (a) and 10 14 h −1 M ⊙ (b). The density profiles for both the group and the halos are given by eq.(1) with the concentration C(M ) appropriate for the given mass. In the figures the mass of a dark halo M galaxy is the mass M vir of the halo before tidal stripping, when the halo was outside the group. given halo the dynamical friction time decreases as the halo moves into the cluster because the density of cluster increases. But then the halo starts to loose its mass, and the friction time increases again. The set of virial masses is the same as in Figure 1 . The top raw of panels shows the circular velocity V circular = GM (R)/R. The middle raw shows velocity dispersion of the dark matter particles, and the bottom raw presents the overdensity profiles. The right halo is an example of a normal situation when most of particles are bound to the halo. The two halos on the left show examples of small satellite close to a large halo. In the central ∼ 20h −1 kpc part of both halos the velocity dispersions are small and almost constant. But at 30h −1 kpc the velocity dispersion starts a dramatic increase indicating presence of a massive object. Figure 6 The same as in Figure 5but for medium and large halos. In this case the masses are given for constant outer radius of 122h −1 kpc. The mean overdensity at that radius for all halos is significantly larger than the virial value. But the maximum of rotational velocity is well within the distance. 
FIGURE CAPTIONS

Figure 8
The same as in Figure 7 , but for the CHDM 15h −1 Mpc box simulation. Figure 9 Properties of groups in the ΛCDM simulations as functions of the total mass of the group. V rms,dm is the root-mean-square velocity of dark matter particles in the group. The ratio of the rms velocities of galaxies in the group to V rms,dm is shown in the second panel. Results for groups with more than 3 galaxies are shown. In small groups with mass less than 10 13 h −1 M ⊙ there is on average a significant velocity bias, which likely related with the dynamical friction. There is no indication of the velocity bias for larger groups. The number of galaxies with V circ > 50 km s −1 in a group is shown in the third panel from the bottom. The mass-to-light ratio of groups (in units of h −1 M ⊙ /L ⊙,B ) is shown in the top panel. Figure 10 Properties of groups in the CHDM simulation. Figure 11 Correlation functions of the dark matter (long dashed curves) and galaxies in the ΛCDM (bottom) and the CHDM simulations (top) in the 15h −1 Mpc boxes. Galaxies with rotational velocity larger than 90 km s −1 were selected. Shortdashed curves are for galaxies identified with the hierarchical friends-of-friends algorithm. The full curves are for galaxies found using bound density maxima algorithm. The circles are for the galaxies found using the bound density maxima algorithm in the 30h −1 Mpc box simulation with the same limit on the rotational velocity. Figure 12 Dependance of the galaxy correlation function on mass in the ΛCDM simulation with box size 30h −1 Mpc. The correlation function increases with the rotational velocity, but all curves show the same tendency: positive bias on small scales, slight antibias on (100−1000)h −1 kpc scales, and no bias on larger scales. Absolute values of the correlation functions are affected by the finite box size.
